Massive metal-poor stars might form massive stellar black holes (BHs), with mass 25 ≤ m BH /M ⊙ ≤ 80, via direct collapse. We derive the number of massive BHs (N BH ) that are expected to form per galaxy through this mechanism. Such massive BHs might power most of the observed ultra-luminous X-ray sources (ULXs). We select a sample of 64 galaxies with X-ray coverage, measurements of the star formation rate (SFR) and of the metallicity. We find that N BH correlates with the number of observed ULXs per galaxy (N ULX ) in this sample. We discuss the dependence of our model on the SFR and on the metallicity. The SFR is found to be crucial, consistently with previous studies. The metallicity plays a role in our model, since a lower metallicity enhances the formation of massive BHs. Consistently with our model, the data indicate that there might be an anticorrelation between N ULX , normalized to the SFR, and the metallicity. A larger and more homogeneous sample of metallicity measurements is required, in order to confirm our results.
INTRODUCTION
Ultra-luminous X-ray sources (ULXs, see Mushotzky 2004 for a review, and references therein) are defined as nonnuclear point-like sources with isotropic X-ray luminosity LX > ∼ 10 39 erg s −1 . The mechanism that powers the ULXs is still unknown, although various scenarios have been proposed. ULXs could be associated with high-mass X-ray binaries (HMXBs) powered by stellar-mass black holes (BHs) with anisotropic X-ray emission (e.g. King et al. 2001) or with super-Eddington accretion rate/luminosity (e.g. Begelman 2002; King & Pounds 2003; Socrates & Davis 2006; Poutanen et al. 2007) or with a combination of the two mechanisms (e.g. King 2008 ). ULXs could also be associated with HMXBs powered by intermediate-mass BHs (IMBHs), i.e. BHs with mass 100 M⊙ ≤ mBH ≤ 10 5 M⊙ (see van der Marel 2004 for a review). IMBHs with mass larger than 100 M⊙ may be required to explain the brightest ULXs (i.e. the < ∼ 4 ULXs with LX > ∼ 10 41 erg s −1 ), those ULXs showing quasi-periodic oscillations (M82 X-1, see Strohmayer & Mushotzky 2003 , and NGC 5408 X-1, see Strohmayer et al. 2007 ) and some of those that are surrounded by isotropically ionized nebulae (Pakull & Mirioni 2002; Kaaret, Ward & Zezas 2004 ). However, IMBHs are not needed to explain the observational properties of most of the ULXs (e.g. Gonçalves & Soria 2006; Stobbart, Roberts & Wilms 2006; Copperwheat et al. 2007; Roberts 2007; Zampieri & Roberts 2009 ). Thus, the objects classified as ULXs might actually be an inhomogeneous sample, including sources of different nature.
Most of ULXs are located in galaxies with a high star formation rate (SFR, e.g. Irwin, Bregman & Athey 2004) , although a small fraction (10-20 per cent, especially in the low-luminosity tail) might be associated with an old population (e.g. Colbert et al. 2004; Brassington, Read & Ponman 2005) . The ULXs match the correlation between X-ray luminosity and SFR reported by various studies (Grimm, Gilfanov & Sunyaev 2003; Ranalli, Comastri & Setti 2003; Gilfanov, Grimm & Sunyaev 2004a,b,c; Kaaret & AlonsoHerrero 2008) . Furthermore, the same studies indicate that the luminosity function of ULXs is the direct extension of that of HMXBs. Recent papers suggest a correlation between ULXs and low-metallicity environments, and propose that this may be connected with the influence of metallicity on the evolution of massive stars (Pakull & stellar BHs formed in a low-metallicity environment. In fact, low-metallicity massive ( > ∼ 40 M⊙) stars lose only a small fraction of their mass due to stellar winds (Maeder 1992, hereafter M92; Heger & Woosley 2002, hereafter HW02; Heger et al. 2003, hereafter H03; Belczynski et al. 2010, hereafter B10) and can directly collapse (Fryer 1999; B10) into massive BHs (25 M⊙ ≤ mBH ≤ 80 M⊙). Such massive BHs can power most of the known ULXs without requiring super-Eddington accretion or anisotropic emission. Furthermore, their formation mechanism can explain the correlation between ULXs and SFR, and the fact that ULXs are preferentially found in low-metallicity regions. In this Paper, we extend to a larger sample of galaxies the analysis reported in Paper I, and we study the formation of massive BHs from the direct collapse of massive metal-poor stars and their possible connection with ULXs. In particular, we show that there is a correlation between the number of massive BHs formed in this scenario and the number of observed ULXs per galaxy.
METHOD
The aim of this Paper is to compute the number of massive BHs that are expected to form in a galaxy (NBH) through the direct collapse of massive metal-poor stars. We will then compare such number with the observed number of ULXs (NULX) in the same galaxy and with other observational quantities (e.g. the SFR, the metallicity, etc.). In this Section, we start describing the procedure adopted for deriving NBH and then present the properties of the galaxy sample used for the comparison.
The number of massive BHs
According to numerical models (Fryer 1999; HW02; H03) , a star that, at the end of its life, has a final mass m fin ≥ 40 M⊙ is expected to directly collapse into a BH. In this case, the mass of the remnant BH is likely more than half of the final mass of the progenitor star, as relatively small mass ejection is expected in the direct collapse. Thus, stars that at the end of their lives have m fin ≥ 40 M⊙ are likely to produce massive BHs (B10).
The final masses of the stars strongly depend on their metallicity. Massive stars with metallicity close to solar cannot have final masses larger than m fin ∼ 10 − 15 M⊙, even if their initial mass was very large, as they are expected to lose a lot of mass due to stellar winds (H03). Instead, massive stars with lower metallicity are less affected by stellar winds, and retain a larger fraction of their initial mass. If its metallicity is sufficiently low, a star can have a final mass m fin ≥ 40 M⊙ and can directly collapse into a massive BH with a mass 25 M⊙ ≤ mBH ≤ 80 M⊙ (HW02; H03; B10).
Thus, in order to compute the number of massive BHs NBH, we first need to know for which metallicities massive stars can directly collapse into BHs. , and thus predict different final stellar masses (differences are up to a factor of 2). In Paper I, we used the results from M92, that can be regarded as upper limits. In this Paper, we base our calculations on the results of two previous studies: one relies on the PADOVA tracks (as described in Portinari, Chiosi & Bressan 1998 , hereafter referred to as P98) and the other is presented by B10. P98 assume that all massive stars explode as supernovae, and do not consider the direct collapse scenario. Here, we follow the more recent studies by Fryer (1999) and by H03, indicating that, above 40 M⊙, the stars collapse to a massive BH. Thus, in the case of P98, we take the final stellar masses for various metallicities listed in their table 1, and we assume that all stars with m fin ≥ 40 M⊙ end up into a massive BH 1 . Instead, B10 already include in their code the hypothesis that massive stars directly collapse into massive BHs. Thus, when we apply the results from B10 to our model, we consider the stars that end into BHs with mBH > ∼ 25 M⊙ as progenitors of massive BHs (see fig. 1 
of B10). This condition is approximately equivalent
2 to requiring that m fin ≥ 40 M⊙.
Given these assumptions, we can derive the expected number of massive BHs per galaxy (NBH) as a function of the star formation rate (SFR) and of the metallicity Z (see Paper I):
where mmax is the maximum stellar mass (we assume mmax = 120 M⊙) and α is the slope of the initial mass function (IMF). mprog(Z) is the minimum initial stellar mass (i.e. the mass at zero-age main sequence) for which a star is the progenitor of a massive BH. As we discussed above, mprog(Z) strongly depends on the metallicity. In our calculations, we assume mprog(Z) to be the initial stellar mass for which m fin ≥ 40 M⊙ and mBH > ∼ 25 M⊙, when adopting the models by P98 and by B10, respectively. Finally, A(SFR), the normalization constant in equation (1), can be estimated as
where mmin is the minimum stellar mass (we assume mmin = 0.08 M⊙), SFR(t) is the star formation rate as a function of time and tSFR is the duration of the star formation.
1 An important difference from the original assumptions made by P98 concerns the fate of very massive stars, with Hydrogen exhausted core at the end of the hydrostatic evolution, M He , larger than 40 M ⊙ . For M He >40 M ⊙ , P98 adopted the pair instability (Woosley & Weaver 1986 ) model with the following fates: for M He in the range 40 to 60 M ⊙ the star undergoes a pulsational instability leading to a final iron core collapse; in the range M He ∼60 to ∼100 M ⊙ the star was supposed to undergo a complete disruption and finally, for even larger cores, a direct collapse to a BH. 2 We assume m BH > ∼ 25 M ⊙ for B10, because the models (e.g HW02; H03) show that in the direct collapse slightly more than half of the final mass of the star goes into the BH. As the minimum final stellar mass for direct collapse is However, we are not interested in all the massive BHs, but only in those that could acquire massive stellar companions and power observable ULXs. Thus, in the case of interest, equation (2) might be written as
where SFR is the current star formation rate and tco is the characteristic lifetime of the companion of the massive BH.
In this Paper, we adopt a constant value tco = 10 7 yr. Such value is the lifetime of a ∼ 15 M⊙ star. In fact, according to theoretical models, massive BHs can power persistent ULXs only when their companion is sufficiently massive (≥ 15 M⊙, Patruno et al. 2005) . If the companion star is relatively lowmass (2 ≤ m/M⊙ < 10), then the system can power only a transient ULX, with an outburst phase of a few days every few months 3 (Portegies Zwart, Dewi & Maccarone 2004) . The probability of observing such transient ULXs is a factor of > ∼ 10 2 lower than the probability of observing persistent ULXs. Thus, the value of NBH derived assuming tco = 10 7 yr is not the total number of massive BHs present in a galaxy, but the number of massive BHs that could easily find a massive companion to accrete from. Fig. 1 shows NBH, normalized to the SFR, as a function of Z, for P98 and for B10. In this Fig., we adopt two different IMFs: (i) the Salpeter IMF (Salpeter 1955) , for which α = 2.35, and (ii) the Kroupa IMF, for which α = 1.3 if m ≤ 0.5 M⊙ and α = 2.3 for larger masses (Kroupa 2001) . Fig. 1 indicates that NBH has approximately the same trend when adopting the Salpeter or the Kroupa IMF, although the normalization is different by a factor of ∼ 2. In the following, we will consider, as reference, only the Kroupa IMF. As shown in Appendix A, where a more detailed comparison is reported, the results can be easily scaled to the Salpeter IMF. Fig. 1 shows also that the trend obtained adopting P98 is quite similar to the one obtained adopting B10. The main differences are in the normalization, as NBH is a factor of ∼ 1.3 − 2.0 lower for P98 than for B10, and in the cut-off, as NBH goes to zero for Z ∼ 0.4 Z⊙ and 0.5 Z⊙ for P98 and B10, respectively.
Once NBH is known, we can estimate the upper limit (ǫBH) of the fraction of massive BHs that power ULXs in a given galaxy at present, assuming that all the observed ULXs in this galaxy, corrected for the contamination (NULX, see next Section), are powered by a massive BH:
The sample of galaxies
In order to compare the value of NBH computed from equation (1) with the observed number of ULXs per galaxy (NULX), we selected a sample of galaxies (Table 1 and There exist X-ray observation(s) deep enough to detect the presence of ULXs.
(ii) The selected galaxies have at least one measurement of the SFR. (iii) They have a sufficiently accurate measurement of the metallicity Z (in most cases even of the metallicity gradient). (iv) They are not elliptical galaxies. The last criterion indicates that the galaxies in Table 1 are spiral, irregular or peculiar galaxies, but not elliptical galaxies. We decided not to include any elliptical galaxy in our sample, as ULXs in elliptical galaxies show properties that are quite different from those of ULXs in other galaxies, which may indicate a different origin for them (Swartz et al. 2004; Liu, Bregman & Irwin 2006; Winter, Mushotzky & Reynolds 2006) . Furthermore, we remind that in early-type galaxies there is neither evidence of the presence of corecollapse supernovae nor of a significant fraction of massive star population, apart from small rejuvenation episodes (e.g. NGC 205, Bertola et al. 1995) . ULXs in elliptical galaxies might be connected to the minor (but non-negligible) fraction of ULXs that is claimed (e.g. Colbert et al. 2004; Brassington et al. 2005 ) to be associated with old stellar populations (hereafter, we refer to them as Population II ULXs). Since old populations are present also in spiral galaxies, our sample may be contaminated by Population II ULXs. It is quite difficult to estimate their number, but it is reasonable to neglect their contribution in our sample (see Appendix B for details) .
No complete catalogue of galaxies with and without ULXs exists. The most known available catalogues are Liu & Mirabel (2005; hereafter LM05) and Liu & Bregman (2005;  hereafter LB05). LM05 is a catalogue of ULXs reported in the literature until April 2004. It does not include galaxies without ULXs, and it is quite non-uniform, as it reports observations with various instruments. LB05 is a catalogue of all the 313 nearby galaxies that have been observed with the either the contamination was already subtracted in N ULX, raw (i.e. in the paper with the original data) and N ULX, raw = N ULX , or N ULX, raw = 0. d N ULX is the observed number of ULXs per galaxy, after the subtraction of the estimated number of contaminating sources. The errors come from the combination of the Poissonian uncertainties upon N ULX, raw (according to the treatment in Gehrels 1986), and on Q (with uncertainties from the Hasinger et al. 1998 log(N) − log(S) relation). e NGC 4501 is the only galaxy with N ULX > 0 and with Z > 0.47 Z ⊙ . For this galaxy N BH = 0 in both P98 and B10 models (see Fig. 1 and Section 3.2), although
ROSAT High Resolution Imager (HRI) with detection limits that would allow the detection of ULXs. Thus, the LB05 catalogue is less biased than LM05, as it includes galaxies with and without ULXs, and it is more homogeneous, as all the data reported come from the same instrument. On the other hand, even LB05 suffers from some observation bias (i.e., galaxies were originally chosen to be observed for a myriad different reasons), and the instrumental properties (especially sensitivity and resolution) of ROSAT are quite worse than those of Chandra and XMM-Newton, whose observations are included in LM05. Furthermore, some galaxies have been observed after 2004 and are not included in these catalogues, but there is no reason not to take them into account.
Given this situation, our sample is inevitably affected by various biases (e.g. galaxies without ULXs are likely underrepresented) and it is not homogeneous. It is mainly based upon the LB05 catalogue, which includes 52 of the 64 galaxies listed in Table 1 . The remaining 12 galaxies can be divided into 5 Local Group galaxies (NGC 598, the Milky Way, IC 10, and the two Magellanic Clouds), and 7 non-Local Group galaxies (the Cartwheel, the Antennae, the Mice, NGC 628, NGC 1058, NGC 5408, and Circinus). The 5 Local Group galaxies have low SFR (the average is 0.36 M⊙ yr −1 , compared to 2.06 M⊙ yr −1 for the 52 LB05 galaxies) and a total of only one ULX (i.e. an average of 0.2 ULXs/galaxy, compared to 2.29 ULXs/galaxy in the 52 LB05 galaxies; here we are neglecting contamination); whereas the 7 non-local group galaxies have high SFR (average of 5.31 M⊙ yr −1 ) and many ULXs (average of 6.86 ULXs/galaxy).
Each of the two non-LB05 sub-groups is clearly different from the sample of LB05 galaxies. However, we still include both of them in our sample, because they allow us to explore regimes that are not well represented by the 52 galaxies in LB05: the Local Group galaxies enlarge the number of galaxies with no ULXs, that are likely under-represented because of observation and publication bias; the non-Local Group galaxies provide us with examples (such as the Cartwheel and the Antennae) of relatively rare objects with high SFR.
We note that, even if a galaxy is in the LB05 catalogue, we often use X-ray measurements coming from more recent papers where dedicated analysis have been published: Table 1 includes 27 galaxies for which the raw number of ULXs (NULX, raw , i.e. the observed number of ULXs per galaxy, before the subtraction of contaminating sources) is taken from LB05, 24 galaxies for which it is taken from LM05, and 13 galaxies for which NULX, raw is taken from other papers. Table 1 A full account of the origin of all the data reported in Table 1 will be given in Appendix B. Here we only provide a basic description of the most important quantities.
Short description of
The SFRs come from either ultra-violet, Hα, farinfrared, radio measurements, or an average of these different measurements, depending on the data available for each galaxy. Galaxies whose SFR is highly uncertain (a factor of 10 or more), due, e.g., to the presence of an active galactic nucleus (AGN), are not considered in our sample (e.g. NGC 1068, NGC 3690). Concerning metallicity measurements, their existence is the most restrictive among our selection criteria, as metallicities are often unavailable. For most galaxies in the sample, we use measurements derived from line intensities in HII regions, translated into abundances with the empirical relation of Pilyugin (2001a;  hereafter P01) or Pilyugin & Thuan (2005; hereafter PT05) . If more than one HII region was measured within a galaxy, it is generally possible to derive the metallicity gradient; in such cases, we use the metallicity at the mean distance of ULXs from the centre of their host galaxy (0.73 R25, where R25 is the radius of the 25th magnitude isophote; see Appendix B and Liu et al. 2006) . When the spectra of HII regions are unavailable, we use X-ray measurements, although they are much less accurate.
The number of expected contaminating sources (Q) Table 2 . Values of N BH and ǫ BH for the galaxies listed in Table 1 , assuming the models by P98 (first and second column) and by B10 (third and fourth column). We adopt a Kroupa IMF.
The Cartwheel 41900 8.6
NGC 2442 0
1.1
Holmberg II 247 2.9 +5.9 −2.9 10700 +5500 −5600
1.5 with apparent luminosities ≥ 10 39 erg s −1 was calculated on the basis of the Hasinger et al. (1998) log(N)-log(S) relation, using the distance D and other quantities listed in Appendix B (e.g. R25, which was taken from the RC3 catalogue of de Vaucouleurs et al. 1991) .
Finally, the number NULX of ULXs in a galaxy after the subtraction of contaminating sources is simply NULX = NULX,raw − Q.
Uncertainties and fitting procedures
In the following, we consider various sources of error for the different considered quantities (SFR, Z, NULX).
For the SFR, we assume that the relative uncertainty of each value is ±0.5. This number comes from the analysis of the distribution of the measurements reported in Grimm et al. (2003) : the SFR measurements reported in columns 7, 8, 9, and 10 of their table 3 were normalized to the 'adopted SFR' reported in column 11 of the same table; the distribution of the resulting values is bell-shaped and centred around 1; furthermore, about 68 per cent of them lies between 0.5 and 1.5.
We assume that all the metallicity measurements are uncertain by 0.1 dex, which is the typical error associated with metallicity measurements in HII regions (see e.g. P01; Kennicutt et al. 2003; PT05) 4 . We note that the uncertainty on the SFR affects the error on NBH in a linear way; instead, because of the complicated dependence of NBH upon Z (NBH changes very rapidly with Z for Z ∼ 0.3 − 0.4 Z⊙, whereas it is almost independent of Z for Z > ∼ 0.5 Z⊙ or Z < ∼ 0.2 Z⊙), the uncertainty in Z can result in both very small and very large errors on NBH (this explains the upper limits that can be seen in the left-hand panel of Fig. 2 ).
In the case of NULX, raw we adopt Poisson uncertainties, as they are affected by small-number fluctuations . These are estimated through the treatment described in Gehrels (1986) . Instead, in the case of Q we simply assume uncertainties coming from errors upon the log(N) − log(S) of Hasinger et al. (1998) .
Finally, the uncertainties on NULX derive from the combination of the two above uncertainties.
The analysis presented in the following sections is based upon correlation coefficients and power-law fits. Fits were performed by minimizing χ 2 . However, since, in most cases, the quantities on both axes have uncertainties of similar (relative) magnitude, we keep both errors into account through the simple procedures summarized in D' Agostini (2005) .
We note that this fact, along with the sizable error bars of the variables, tends to produce values of χ 2 that are significantly lower than the number of degrees of freedom (hereafter, dof). However, in the low-number regime (that we are considering here) the difference between Poissonian and Gaussian statistics become significant and hence, whenever possible, we checked our results adopting additional fits based on Cash statistics (Cash 1979) . In such cases, we further note that i) fits with Cash statistics do not consider the errors on the quantity on the x-axis, and ii) in the cases where the variable on the y-axis is NULX, we actually performed a fit to NULX,raw with the sum of the contamination Q to the results of the fitting formula, as required by the Cash formalism. The results of the fits based on Cash statistics are in reasonably good agreement with those of the fits based on χ 2 . The main difference is that the Cash statistics appears to better constrain the parameters and give smaller errors, although this follows in part from neglecting uncertainties on the x-axis. In any case, this result reinforces the validity of our analysis. Table 2 shows the values of NBH and ǫBH (the role of ǫBH is discussed in Appendix C) that we derive for the galaxies listed in Table 1 , using the models by P98 and by B10. In paper I, we showed that, according to theoretical models (Patruno et al. 2005; Blecha et al. 2006) , ǫBH should be of the order of 10 −4 for the Kroupa IMF, which is consistent with most values in Table 2 (especially for the models adopting B10 and for galaxies with a large number of ULXs). In Fig. 2 , we show the observed number of ULXs per galaxy, NULX, as a function of the expected number of massive BHs per galaxy, NBH.
RESULTS

Expected number of massive BHs versus observed number of ULXs
From Fig. 2 it is immediately evident that there is a correlation between NBH and NULX, when we adopt the models from both P98 and B10. Such correlation can be expressed as: 
where β = 0.80 −0.76 ), when adopting the models from P98 (B10). Table 3 reports the fits, the results of the χ 2 analysis, the Pearson correlation coefficients (r), and the probability pr to obtain 5 a correlation coefficient with an absolute value larger than |r| if the two variables were uncorrelated.
The correlation coefficient r is very high, and the probability of finding a value larger than |r|, if the two variables were uncorrelated and normally distributed, is almost zero. The values of the χ 2 associated with the best fits of the NBH − NULX relation are χ 2 < ∼ 12, with 62 degrees of freedom (dof). The χ 2 is almost as low when an index β = 1.00 is assumed. According to the F−test (see paragraph 10.2 in Bevington 1969), the above fit with two parameters (see lines 1 and 3 of Table 3 ) is better than a fit with fixed index β = 1 (see lines 2 and 4 of Table 3) only at 91 and 80 per cent confidence level in the case of P98 and B10, respectively. This implies that, especially for B10, the fit with two parameters is not a significant improvement. This suggests that the NBH − NULX correlation is a linear relation, although deviations from a linear behaviour are possible 6 . Furthermore, the slopes are very similar for the two considered models of stellar evolution. The main difference between them is the normalization, as the values of NBH obtained assuming P98 are generally a factor of 1.5−2 lower than the values obtained using B10.
Finally, from Tables 2 − 3 and from Fig. 2 , it appears that the galaxies in our sample that do not host any ULXs have very low values of NBH: according to our model, they are consistent with having one or zero ULXs.
In conclusion, Fig. 2 and Tables 2 and 3 indicate that our model predicts a number of massive BHs that correlates with the number of ULXs per galaxy, independently of the adopted stellar evolution scenario. Such correlation supports the hypothesis that (all or a large fraction of) the ULXs are connected with massive (mBH ≥ 25 M⊙) BHs.
Dependence on the SFR and on the metallicity
Our model is based on two key parameters: SFR and metallicity. In this Subsection we discuss their role in more detail.
Star formation rate
As mentioned in the Introduction, the existence of a correlation between SFR and number of bright X-ray sources per galaxy is well established Ranalli et al. 2003; Gilfanov et al. 2004a,b,c) . From Fig. 3 , it is evident that our sample of galaxies follows the same correlation, which can be fit as:
where δ = 0.91
−0.15 and ζ = 0.13
−0.14 (with χ 2 ∼ 18 for 62 dof, see Table 3 ), if we consider all the galaxies in the sample. We note that the index of the correlation (δ) is smaller than 1, but consistent with 1. Furthermore, the value of the χ 2 is very low (χ 2 ∼ 18 with 63 dof), even when we assume δ = 1.00. According to the F−test, the above fit with two parameters (see line 5 of Table 3 ) is better than a fit with fixed index δ = 1 (see line 6 of Table 3 ) only at 48 per cent 6 The scaling between N BH and N ULX might be non-linear because N ULX may depend also on properties that do not affect N BH , such as the probability of finding sufficiently massive companion stars. Thus, a better understanding of the properties of HMXBs that can power ULXs is needed, in order to refine our model. confidence level. This means that the fit with two parameters is not an improvement.
If we impose δ = 1.00, we obtain NULX ≃ 1.20
+0.18
−0.15 SFR. Likewise, Grimm et al. (2003) find an almost linear relation between the SFR and the number of X-ray sources with LX ≥ 2 × 10 38 erg s −1 . Our best-fitting slope in the linear relation (1.20
−0.15 ) is a factor of 2.4 ± 0.4 lower than the value (2.9 ± 0.23) reported by Grimm et al. (2003) ; given the different luminosity ranges (LX ≥ 2 × 10 38 erg s −1
and LX ≥ 10 39 erg s −1 in Grimm et al. 2003 and in this Paper, respectively), this is expected. In fact, equation (7) of Grimm et al. (2003) predicts a factor 3.0 ± 0.5 difference between the normalizations of the correlations in the two luminosity ranges, consistent with our result (the uncertainty is due to the error on the slope of the luminosity function given in Equation 6 of Grimm et al. 2003) .
We remind also that, in our model, we imposed that NBH scales linearly with the SFR (see equation 3), in agreement with the observational behaviour of NULX. Lines 13−14 of Table 3 indicate that our fitting procedure infers a slope which is consistent with the theoretical value within a ±0.06 uncertainty. The normalization for the model by P98 is a factor of ∼ 1.5 − 2 lower than that of the model by B10.
Metallicity
In Paper I we proposed that there may be an anticorrelation between the observed number of ULXs (NULX) and the metallicity (Z), but our sample was too small to confirm such anticorrelation. Our current sample is more than three times larger than the one in Paper I.
In the current paper, a first argument in favour of the role played by the metallicity comes from Fig. 3 (i.e. NULX versus SFR): it is evident that the galaxies with Z > 0.2 Z⊙ (open circles) lie mostly below the global fit, whereas the galaxies with Z ≤ 0.2 Z⊙ (filled circles) lie preferentially above the global fit. This means that a metal-poor (Z ≤ 0.2 Z⊙) galaxy tends to have more ULXs with respect to a relatively metal-rich (Z > 0.2 Z⊙) galaxy with the same SFR. In quantitative terms, Table 3 shows that, if we split our sample according to metallicity and fit the SFR−NULX relation, we obtain similar slopes, but quite different values of the normalization for the high-Z sample (ζ1 = 0.05 −0.18 ; or 0.32 ± 0.14 if the slope is fixed to δ = 1.00) is not consistent with 0 at a significance level slightly below 2 σ, while it is roughly consistent with the ratio of the expected numbers of massive BHs below and above Z ∼ 0.2 Z⊙ (see Fig. 1 ). This might be a further indication that the SFR is not the only ingredient of the correlation between NBH and NULX and that the second ingredient might actually be the metallicity, as proposed in our model. However, we cannot conclude from Fig. 4 and from Table 3 that such anticorrelation exists. There is a very weak trend that can be expressed as
where η = −0.21 ± 0.27 and θ = 0.09 ± 0.20. Such trend is not statistically significant, as χ 2 = 86 with 62 dof and the correlation coefficient is r < ∼ − 0.2, with pr = 0.2 (Table 3) . Similarly to equation (7), there is no significant anticorrelation, in our model, between NBH and Z (lines 15-16 of The SFRs used by the fitting procedure are in units of M ⊙ yr −1 . a The sample adopted for the fits is referred to as 'all' when all the galaxies in Table 1 are considered, and as lowZ (highZ) when only the galaxies with Z ≤ 0.2 Z ⊙ (Z > 0.2 Z ⊙ ) are considered. b When the index is equal to 1.00 or to 0.00, without error, it means that it has been fixed to such value. c Values in parenthesis are the fitting parameters obtained with Cash statistics (where applicable), rather than χ 2 ; such results do not take into account the uncertainty on the quantity on the x-axis. d χ 2 /dof is the χ 2 divided by the degrees of freedom (dof). e r is the Pearson correlation coefficient, and pr is the probability of finding a value larger than |r|, if the two variables were uncorrelated and normally distributed. f The fits listed in rows 13-18 refer entirely to the theoretical model. We report them only for a comparison between the statistical fluctuations of the theoretical calculations and those of the observational data. Table 3 ). In particular, the values of the χ 2 for the best fits are 154 and 183 for P98 and B10, respectively, with 62 dof (see lines 15 and 16 of Table 3 ). The correlation coefficients are low: r= −0.2 and = −0.1 for P98 and B10, respectively. This happens because, in our model, the dependence of NBH on the SFR dominates with respect to the dependence of NBH on the metallicity.
To better highlight the possible effects of metallicity, we plot the number of ULXs per galaxy NULX normalized to the SFR versus the metallicity (left-hand panel of Fig. 5 ).
The fit of the left-hand panel in Fig. 5 gives the following results.
NULX
M⊙ yr
where ι1 = −0.55±0.23 and κ1 = −0.37±0.18, with χ 2 ∼ 10 for 62 dof (and r= −0.3). Thus, there is marginal evidence of an anticorrelation between Z and NULX/SFR. According to the F−test, the above fit with two parameters (see line 11 of Table 3 ) is significantly better (at a 96 per cent significance level) than a fit with fixed index ι1 = 0 (i.e. the case of no correlation) and with only one free parameter (κ1 = −0.03± 0.07, line 12 of Table 3 ). This result supports the hypothesis of an anti-correlation between NULX/SFR and Z.
As in the case of the comparison with NULX, the role of metallicity in our model can be better appreciated if we remove the contribution from the SFR. In fact, the plot of NBH/SFR versus Z (central and right-hand panels of Fig. 5) shows quite clearly the effect of metallicity in equation (1). We know from equation (1) that the relation between NBH/SFR and Z is not a power-law. However, in order to compare it with equation (8), we can approximate it as:
where ι2 = −0.60 ± 0.07 (−0.34
−0.05 ) and κ2 = 2.79 ± 0.05 (3.22 ± 0.04) for P98 (B10). The statistical significance of such correlations is given in lines 17−18 of Table 3 . ι1 is consistent with ι2 in the case of P98 and marginally consistent with ι2 in the case of B10. Thus, we can conclude that the anticorrelation in the central and right-hand panels of The fact that the anticorrelation between Z and NULX only emerges after removing the effect of the SFR (i.e. considering NULX/SFR versus Z) clearly shows that the SFR (and not the metallicity) is the dominant factor in determining the number of ULXs in a given galaxy 7 . However, the metallicity plays a crucial role in enabling the formation of ULXs, as massive BHs can be produced only in star-forming regions where Z is sufficiently low.
We emphasize that, in our model, the effect of the metallicity on the formation of massive BHs is mainly a threshold effect: in the models by B10 (see their fig. 1 and their equation 11) massive (mBH ≥ 25 M⊙) BHs form only for Z ≤ 0.47 Z⊙. If the metallicity Z is below this threshold, there is quite a small spread in mprog (defined in equation 1) and thus in NBH for various metallicities (at fixed SFR): adopting the model by B10, mprog ranges from 68 M⊙ for Z = 0.04 Z⊙ (the Antennae) to 96 M⊙ for Z = 0.45 Z⊙ (NGC 2442). Furthermore, as NBH scales linearly with the SFR, the effect of metallicity on NBH is small with respect to the effect of the SFR, for Z < 0.47 Z⊙.
Instead, if Z > 0.47 Z⊙, massive BHs cannot form from the direct collapse of massive stars. This might be a problem for our model, as ULXs exist also in a few galaxies with Z > 0.47 Z⊙: NGC 4501 (see Table 1 ) is the only galaxy, for which we found SFR, Z and X-ray data, that has 7 The importance of the SFR is somewhat amplified by the larger spread in the SFR values with respect to the metallicity ones.
NULX, raw > 0 and Z > 0.47 Z⊙. In such a case, the contamination from foreground/background sources (Q = 0.43
is not completely negligible; nonetheless it is insufficient to explain the 2 observed ULXs. However, there are several reasons for which this might happen.
First, as the metallicity is uncertain by ∼ 0.1 dex, values of Z below 0.47 Z⊙ are well within 1 σ error ranges for NGC 4501 (1 − σ lower limit on Z is 0.39 Z⊙ for NGC 4501). Thus, the upper limits of NBH for NGC 4501 are larger than zero.
Second, in the case of large spiral galaxies (such as NGC 4501) our choice of taking the metallicity at R = 0.73 R25, although justified, is rather simplistic: in NGC 4501 the metallicity gradient is such that Z goes below 0.4 Z⊙ at R ≤ R25, so that there exists a small region where massive BHs might form, even in the P98 model. Thus, uncertainties in the metallicity determination and spatial abundance fluctuations might further help in this respect.
Third, in this Paper we considered only BHs with mBH ≥ 25 M⊙ as engines of the ULXs, but slightly less massive BHs might still power many low-luminosity ULXs, provided that there is a certain level of beaming or superEddington accretion (e.g. King 2008 ): for example, if the metallicity is Z < ∼ 0.57 Z⊙ BHs with mBH ∼ 20 M⊙ can still form (B10). It is worth mentioning that NGC 4501 hosts relatively faint ULXs, that can be explained without invoking massive BHs, nor strong beaming/super-Eddington accretion.
Finally, the metallicity needed in our model is that of the molecular clouds before the pollution from the first supernovae associated with the parent cluster, as massive stars (> 40 M⊙) collapse into BHs before the explosion of such supernovae. Thus, the metallicity measured today is likely higher than the value we should consider in our model, especially for post-starburst galaxies.
CONCLUSIONS
Low-metallicity (Z < ∼ 0.4 Z⊙) massive ( > ∼ 40 M⊙) stars are expected to produce massive remnants (25 ≤ mBH/M⊙ ≤ 80, H03, B10) at the end of their evolution. Such massive BHs might power a large fraction of the observed ULXs in low-metallicity galaxies. In this Paper, we derived the number of massive BHs (NBH) that are expected to form in a galaxy, via this mechanism, in the same time period that they could have a massive ( > ∼ 15 M⊙) donor companion. We find that NBH correlates well with the observed number of ULXs per galaxy (NULX). The slope of such correlation does not depend significantly either on the IMF or on the adopted stellar evolution model. The IMF and the stellarevolution models affect only the normalization of NBH (the spread is generally less than a factor of 2). We stress that the stellar-evolution models adopted in this Paper neglect some important effects, such as the rotation and the possible influence of binary evolution. The final mass of the remnant is likely affected by the fact that the massive progenitor of the BH is fast rotating or that it resides in a binary, where additional mass loss is possible (see e.g. H03). Accounting for the probability that the progenitor of the massive BH is in a binary system likely introduces additional uncertainties.
In addition, the model considered here does not in-clude the possibility of pair instability supernovae (PISNs). PISNs are predicted to occur at very low metallicity, in the case of very massive stars (≥ 140 M⊙), and lead to the complete disruption of the star (HW02; H03). Pulsational pair instability may occur also for smaller stellar masses (100 − 140 M⊙) and/or for larger metallicity, but it does not lead to a PISN, and a massive BH can form via direct collapse. Thus, PISNs probably do not play a role for stars with metallicity Z > ∼ 0.01 Z⊙ and mass < 140 M⊙ (H03). On the other hand, even assuming (as a strong upper limit) that all stars with mass ≥ 100 M⊙ do not leave any remnant, due to a PISN, our estimates of NBH change by less than 10 per cent.
The model described in this Paper is consistent with the observed correlation between the number of ULXs and the SFR, as well as with the fact that ULXs are found preferentially in low-metallicity environments. Furthermore, this model is a natural extension of the scenario described by Grimm et al. (2003) . In fact, Grimm et al. (2003) find a correlation between the SFR and the number of X-ray sources (not necessarily ULXs) per galaxy, and they explain it with the correlation between the SFR and the number of HMXBs powered by stellar BHs. In this Paper we suggest that this correlation still holds for the ULXs, as the ULXs (or most of them) can be powered by massive BHs formed by the collapse of massive metal-poor stars.
Our model predicts the existence of a dependence of NULX on Z (and the data suggest it, too), when the dominant effect due to the SFR is removed. Unfortunately, the statistical uncertainty of such dependence is still quite high, due to the dearth and to the inhomogeneity of the data.
In particular, there is a large inhomogeneity in the metallicity measurements. Moreover, the metallicity needed in our model is that of the molecular clouds before the pollution from the first supernovae associated with the parent clusters, as very massive stars collapse into BHs before such supernovae. Thus, the metallicity measured today is likely higher than the value we should consider in our model. Only for some types of galaxies, such as the ring galaxies, where the star-formation history has a clear connection with the geometry of the system, is it possible to measure a prestarburst value of Z, suitable for our purposes. A possible way to reduce this problem and to check our model is to take new measurements of the local metallicity in the neighbourhoods of the observed ULXs, or even in the nebula associated with the ULXs (Ripamonti et al., in preparation).
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APPENDIX A: COMPARISON BETWEEN KROUPA AND SALPETER IMF
In this paper we assumed the Kroupa IMF (Kroupa 2001), a moderately top-heavy IMF. In this Appendix we show how sensitive our model is to the adopted IMF, by using the Salpeter IMF (Salpeter 1995) to derive NBH. Table A1 and Fig. A1 show the results obtained adopting the Salpeter IMF. Basically, all the values of NBH calculated with the Salpeter IMF are a factor of 2 lower than the ones obtained with the Kroupa IMF. However, the slope of the fit in equation (5) does not change significantly with a different IMF. Adopting the Salpeter IMF (Fig. A1) , for the fits in equation (5) −0.70 ), corresponding to χ 2 = 8.7 (χ 2 = 11.1) with 62 dof, for the models by P98 (B10). As for the Kroupa IMF, fixing β = 1, we still obtain good values of χ 2 (χ 2 = 10.0 and 11.7 with 63 dof, for P98 and B10, respectively). Thus, only the normalization of NBH is affected by a different choice of the IMF.
APPENDIX B: DATA COLLECTION AND ELABORATION
In this section we provide details about how we collected and calculated the values reported in Table 1 , that represent the observational basis of this paper.
B1 Star Formation Rate
As we already mentioned, the SFR reported in Tables 1  comes from either ultra-violet (UV), Hα, far-infrared (FIR), or radio measurements. If more then one independent measurement is available, we generally average the corresponding SFRs, keeping into account the properties of the galaxy, of the observational data, and of calibrations.
In particular, for galaxies included in the UV catalogue by Muñoz-Mateos et al. (2007) , we derive SFR= 2 πr 2 α ΣSFR0 [1 − (1 + rtot/rα) exp (−rtot/rα)], where ΣSFR0 is the central SFR surface density, rα is a characteristic length-scale and rtot is the external radius of the galaxy (from the integration of equation B1a in . When the total Hα luminosities are available, we adopt the correlation in Kennicutt (1998; hereafter K98) (6) of . Finally, if a galaxy belongs to the sample by Grimm et al. (2003) , we generally use their adopted values.
B2 Metallicity
The existence of a metallicity measurement is the most restrictive among the criteria for inclusion in our sample, as metallicities are often unavailable.
For most galaxies in the sample we use measurements of oxygen abundance (based on oxygen line intensities from HII regions) as proxies for metallicity. Instead, when the spectra of HII regions are unavailable, we use X-ray metallicity estimates (from papers on X-ray measurements of ULXs), although they are much less accurate. In the rest of this subsection we provide extra details about the measurements from HII regions.
B2.1 Conversion of line intensities to metallicities
When line intensity measurements include the weak λ=4363Å OIII line (e.g. in the case of HII regions of the Cartwheel galaxy from Fosbury & Hawarden 1979) , we simply use the oxygen abundances reported in the literature: this is possible because the measurement of the 4363Å line greatly simplifies the conversion of line intensities into abundances, and the conversion procedure did not change much since it was first established (see e.g. Pagel et al. 1992 ; and the discussion in PT05). Instead, when only the most intense OII (λ=3727Å) and OIII (λ=4959,5007Å) lines are observed, the oxygen abundances in different papers are often based on different calibrations (see the discussion in P01, and in PT05), that lead to significant offsets in the results. For this reason, we went back to the observational data and applied the PT05 calibration whenever this was possible. We made an exception for galaxies where the metallicity value in the literature had been calculated with the P01 calibration (such as the ones in the compilation by Pilyugin, Vílchez & Contini 2004; hereafter PVC04) ; this is because the two calibrations are quite close to each other (the PT05 calibration is essentially a revision of the P01 calibration), and the difference (typically amounting to ∼ 0.05 dex for single HII regions; see the top panel of Fig. 7 from PT05) should not have a large effect.
We note that both the PT05, and the P01 calibrations generally provide significantly lower abundances with respect to previous calibrations (e.g. Edmunds & Pagel 1984) , but are currently considered the most accurate (see e.g. Kennicutt, Bresolin & Garnett 2003, who actually suggest that abundances might be even lower). 13.9
+10.6 −9.0 Table A1 -continued. Figure A1 . Number of expected massive BHs per galaxy, derived using the models from P98 (left-hand panel) and from B10 (right-hand panel), versus the number of observed ULXs per galaxy. The adopted IMF is a Salpeter IMF. The filled circles are the galaxies listed in Table 1 . The error bars on both the x− and the y− axis are 1 − σ errors. The error bars on N BH account for the uncertainty on the SFR and on the metallicity (see Section 2.3 for details). The solid lines are the power-law fits, for the entire sample. The dashed lines (red on the web) are the power-law fits. When the metallicity gradient is available for a given galaxy, we list in Table 1 and adopt in our calculations the value of the metallicity at r = 0.73 R25, where R25 is the isophotal or Holmberg radius. In fact, r = 0.73 R25 is the average distance of the observed ULXs from the centre of the host galaxy, in a sample of spiral galaxies ( fig. 15 in Liu et al. 2006 ; the averaging process took contamination into account).
The oxygen abundance is usually derived in terms of 12+log(O/H); this can be easily converted to the units used in Table 1 (where the metallicity Z is expressed as a fraction of solar metallicity Z⊙), by assuming that 12+log(O/H)⊙ = 8.92, which corresponds to Z⊙ = 0.02 (the value commonly used in stellar evolution studies).
B3 Distance
For the 52 galaxies in the LB05 catalogue we use the distance reported there. For the MW we simply indicate the distance to the Galactic centre (8.5 kpc). For the remaining 11 galaxies we use the distances reported by the NASA Extragalactic Database (NED). In the 9 cases where it is possible, we take the mean redshift-independent distance; for the remaining 2 galaxies we derive distances from the redshift, assuming H0 = 73 km s −1 Mpc −1 .
B4 Contaminating sources
B4.1 Further required data
Estimating the number of contaminating sources requires the use of several quantities that are not reported in Table 1 : the galaxy angular size (major and minor axis R25 and r25 of the 25 mag arcsec −2 isophote), the sky area A obs actually covered by the X-ray observations, and the total galactic HI column density (NH).
For galaxies in the LB05 catalogue, we use the R25, r25 and NH values reported there. For the others, we adopt the references quoted in LB05: the RC3 catalogue (de Vaucouleurs et al. 1991) for angular sizes, and the paper of Dickey & Lockman (1990; hereafter DL90) for the weighted average of NH. We make an exception for the MW and the Magellanic Clouds, where such quantities do not really matter, since the number density of the expected contaminating sources is extremely low, and there are no ULXs inside such galaxies.
The sky area A obs was taken from the papers reporting the X-ray observations. When no specific information is provided, we assume an area of 314 arcmin 2 if the data were taken with ROSAT (this corresponds to the area within 10 ′ from the instrument's axis, where the sensitivity is reasonably constant and close to the maximum value; see LB05), or an area of 70.6 arcmin 2 (i.e. the entire 8.4 ′ ×8.4 ′ field of view of the S3 detector) if the data were taken with Chandra.
B4.2 Contamination estimate
In order to estimate the number of background or foreground contaminating sources, we followed a procedure very similar to the one reported by Liu et al. (2006) .
Since the bulk of the galaxies in our sample was observed with ROSAT, we used the log(N)-log(S) reported in Hasinger et al. (1998) . We converted the minimum luminosity of an ULX, L lim = 10 39 erg s −1 , into the apparent flux limit F lim = L lim /(4πD 2 ); then, we converted F lim into another flux S lim that can be used in the Hasinger et al. (1998) log(N)-log(S) relation. Such conversion takes into account (i) the different assumptions on the observed band (the Hasinger et al. 1998 flux refers to the 0.5-2.4 keV band, whereas most references for ULXs provide luminosities in other bands -e.g. 0.3-8.0 keV band); (ii) the different assumption over spectral slopes (Hasinger et al. 1998 assumes that all sources have photon index 2; whereas here we assume a photon index 1.7, as done by LB05); (iii) the absorption from the galactic NH. In most cases, such conversion amounts to a reduction by a factor of 2-3 (the exact value depending on the band used for the X-ray observations, and to a lesser extent on the galactic NH for each specific galaxy) of F lim . Finally, we integrate the Hasinger et al. (1998) differential log(N)-log(S), and find the expected surface number density q of contaminating sources (i.e. of sources with apparent flux larger than S lim ).
In order to determine the expected contamination in a specific galaxy, we combined q with the size of the galaxy (and of the observed area), taking into account also the radial distribution of ULXs. The exact procedure is the following. First of all, we calculate the observed area with deprojected distance ≤ R25 from the centre A1 = min(A obs , πR25r25), and the observed area with deprojected distance between R25 and 2R25, A2 = min(A obs − A1, 3πR25r25). This assumes that the field of the X-ray observation was centred on the host galaxy, and that such field is circular. Then, we obtain the number of expected contaminating sources in the two regions, Q1 = A1q and Q2 = A2q. These must be compared to the numbers N1 and N2 of observed ULXs in the corresponding areas (obviously, N1 + N2 = NULX, raw ), since the number of contaminating sources cannot be larger than the number of observed sources. Then, we estimate the actual number of contaminating sources to be Q = min(Q1, N1) + min(Q2, N2).
This expression automatically sets the number of contaminating sources at 0 for galaxies where no ULX was observed.
For the 10 galaxies where the original X-ray observations provide a value of the number of ULXs that was already cleared from contaminating sources (e.g. because one or more of the candidate ULXs in a galaxy have been identified as background objects), we simply assume that NULX, raw = NULX, i.e. that Q = 0.
The total number of expected contaminating sources in the 54 galaxies where we apply our estimates is 14.60, whereas the sum of NULX, raw in such galaxies is 112; the contamination fraction is then ≃0.13, which is smaller than those found in previous papers (25 − 44 per cent, Swartz et al. 2004; Liu et al. 2006; López-Corredoira & Gutiérrez 2006) . There are two reasons for this discrepancy. First, we do not consider elliptical galaxies, where the contamination is stronger: for example, Liu et al. (2006) estimate a contamination fraction ∼ 1 for early type galaxies, whereas for late-type galaxy such fraction is only ∼ 0.2. Second, our sample includes a smaller fraction of distant galaxies than most ULXs catalogues (for example, in the LB05 catalogue the fraction of galaxies with distances ≥ 20 Mpc is ∼ 0.4, whereas in our sample it is < ∼ 0.1): this is relevant because distant galaxies tend to have higher contamination levels than nearby galaxies 8 .
B5 A possible contamination from Population II ULXs
ULXs in elliptical galaxies might be connected to the minor (but non-negligible) fraction of ULXs that is claimed (e.g. Colbert et al. 2004; Brassington et al. 2005 ) to be associated with old stellar populations (Population II ULXs). Since old populations are present also in spiral galaxies, Population II ULXs might be present also in our sample. It is quite difficult to estimate their number. Liu et al. (2006) estimate that the number of ULXs in early-type and elliptical galaxies can be completely explained by contaminating sources (i.e. without requiring Population II ULXs): if so, the number of ULXs associated to old stellar populations should be very low (or even negligible) also in spiral/irregular galaxies. On the other hand, Colbert et al. (2004) suggest that Population II ULXs represent a fraction ∼ 0.2 of ULXs in spirals. However, the results by Colbert et al. (2004) and by Liu et al. (2006) are not necessarily in conflict. In fact, 1-σ upper limits for early-type galaxies 9 from Liu et al. (2006) are not far from the Colbert et al. (2004) results. Since the fraction of population II 8 The distance D affects of the contamination Q through the angular surface of a galaxy, and the corresponding limit flux S lim . Both scale as D −2 . However, the Hasinger et al. (1998) log(N) − log(S) implies that for D < ∼ 30 Mpc the decrease in S lim produces a steep increase in the surface density of contaminating sources (q ∝ D 3.4 ), and Q ∝ D 1.4 ; instead, for sources at large distances the two dependencies almost cancel out, and Q ∝ D −0.1 . 9 In their Section 3.2 and Tables 1 and 2, Liu et al. (2006) estimate the occurrence frequencies of ULXs. They find 0.72 ± 0.11 ULXs per spiral galaxy, 0.02 ± 0.11 ULXs per early-type galaxy, and −0.15 ± 0.13 ULXs per elliptical galaxy. The ratio is then 0.03 ± 0.15 if we consider early-type galaxies, and −0.21 ± 0.19 if we consider ellipticals. The ratio for early-types can be taken as an upper limit on the fraction of Population II ULXs in spirals, since the old population of early-type/elliptical galaxies of the Liu Notes. The sample adopted for the fit in this Table is represented by all the galaxies in Table 1 . a χ 2 /dof is the χ 2 divided by the degrees of freedom (dof). b r is the Pearson correlation coefficient, and pr is the probability of finding a value larger than |r|, if the two variables were uncorrelated and normally distributed. Figure C1 . ǫ BH as a function of the SFR (left-hand panel) and of Z (right-hand panel) for P98. The filled circles are the galaxies listed in Table 1 . The error bars on both the x− and the y− axis are 1 − σ errors (see Section 2.3 for details). The solid lines are the power-law fits for the sample with N ULX > 0. The dashed lines (red on the web) are fits with a constant value for the same sample. Figure C2 . The same as Fig. C1 for B10.
